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The chromosphere: energy transport and deposition
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The chromospheric heating problem: what mechanisms transport 
and release energy into the outer layers of the Sun?
Unlike in the photosphere:
• The energy necessary to sustain the observed radiative cooling rates must 

be provided, both in quiet-Sun and active regions.
• There are very few measurements of the magnetic field vector in the 

chromosphere.



The chromosphere: energy transport and deposition
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photosphere

Courtesy J. Leenaarts



photosphere-low chromosphere

Courtesy J. Leenaarts



mid chromosphere
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mid chromosphere

Courtesy J. Leenaarts



mid-upper chromosphere

Courtesy J. Leenaarts



An example of a 3D MHD simulation (Muram)

Bjørgen, Danilovic, Leenaarts, Rempel (in prep.)
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Using 3D radiative transfer we recover elongated fibril structures, and something that 
looks like ribbon in Halpha.



Few chromospheric diagnostics
Line PRD/SE Polarization Max. formation

Na I D1 SE Zeeman Upper photosphere

Mg I 517 nm SE Zeeman Upper photosphere

Ca II IR triplet SE Zeeman + Scatt. Lower chromosphere

H I 656 nm SE Zeeman + Scatt. Middle chromosphere

He I D3 SE Zeeman + Scatt. Mid/up chromosphere

He I 1083 nm SE Zeeman + Scatt. Mid/up chromosphere

Ca II H & K PRD Zeeman + Scatt. (?) Upper chromosphere

Difficulties:



Few chromospheric diagnostics
Line PRD/SE Polarization Max. formation

Na I D1 SE Zeeman Upper photosphere

Mg I 517 nm SE Zeeman Upper photosphere

Ca II IR triplet SE Zeeman + Scatt. Lower chromosphere

H I 656 nm SE Zeeman + Scatt. Middle chromosphere

He I D3 SE Zeeman + Scatt. Mid/up chromosphere

He I 1083 nm SE Zeeman + Scatt. Mid/up chromosphere

Ca II H & K PRD Zeeman + Scatt. (?) Upper chromosphere

Difficulties:
• Statistical equilibrium + Zeeman polarization in the best case.
• In the upper chromosphere we need to include PRD.
• Very large macroscopic and turbulent velocities.
• Very low signal-to-noise ratio.
• Very few 3D simulations available*.



Ca II 854.2 nm



Ca II 854.2 nm

FTS atlas: spatial average in quiet-Sun



Ca II 854.2 nm

FTS atlas: spatial average in quiet-Sun

Photosphere Chromosphere



Ca II 854.2 nm

FTS atlas: spatial average in quiet-Sun

Photosphere Chromosphere

Reversed C-shape bisector from Ca II isotopic splitting 
(Leenaarts et al. 2014)



Ca II 854.2 nm
Courtesy Reid & Mathioudakis



Ca II 854.2 nm
K at 0.95Mm to T ∼ 200,000 K at 1.55Mm. The TR
temperature is increased to >1 MK.

This initial enhancement to the mid-upper chromospheric
temperature occurs rapidly, with radiative losses almost
completely balancing energy input up to ∼1.3 Mm by
=t 0.25 s. Figures 3(a) and (b) illustrates the energy balance

at these times showing that following the rapid ionization the
radiative losses increases sufficiently to mostly balance flare
energy input. Hydrogen is almost entirely ionized above 1Mm,
and ionization continues gradually to greater depth
(Figure 3(h)). The elevated temperature in the mid-chromo-
sphere results in ionization of He, which is mostly ionized to
HeII between 1.05 and 1.3 Mm and to HeIII above 1.4 Mm,
leading to an increase in the electron density between 0.9 and
1.6 Mm. The peak in ne occurs at the hydrogen ionization
boundary (between 0.9 and 1Mm), with ~ ´n 4 10e

13 cm−3.
By =t 0.25 0.5 s– a strong pressure wave at 1.65 Mm pushes
chromospheric material into the corona with velocities in
excess of ~v 130 km s−1, significantly higher than in the EB
simulation. Since the AW heating rate decreases sharply around
0.9 Mm, the ionization of hydrogen below this occurs at later
times in comparison to the EB simulation.

t=1–5 s: between 0.6 and 0.9 Mm radiative losses almost
completely balance the energy input, and so temperatures rise
only modestly, to ~T 8000 K. Hydrogen ionization also
increases, creating a small region of locally high electron
density = - ´n 1 1.5 10e

13 cm−3 at ∼0.75Mm. In the mid-
chromosphere a temperature “pivot” point forms at ∼1.15Mm,
with temperature decreasing with time above this point, and
increasing below. As the temperature increases in the deep
atmosphere, ionization to HeII follows producing a small
electron density increase at 1 1.05– Mm. The associated
pressure changes results in upflows of a few ´10 km s−1.
The initial high-velocity upflow reaches heights above 2.5 Mm,
with ~v 200 km s−1.

The temperature gradient between 1.15 and 1.45Mm flattens
slightly from T≈[35,000–90,000] K to T ≈ [30,000–70,000]
K. This occurs because hot plasma pushed up into the loop at a
few ´10 km s−1, due to an increase in pressure above
1.15Mm, leaves cooler material in its place, and because
radiative losses above 1.25Mm begin to exceed the energy
input, which leads to cooling (see Figure 3(c)). A narrow high-
temperature (T ∼ 100,000 K) bubble begins to form at
~1.4 1.5– Mm. The TR heats as a result of energy deposition
and via a conductive flux from below. Figure 3(d) shows the
decrease in radiative losses that allow the formation of the high
temperature at 1.4 Mm, and the upward-propagating pres-
sure wave.

t=5–10 s: for the remainder of the simulation the dynamics
evolves as before. The atmosphere cools slightly between 1.25
and 1.4Mm, narrowing the high-temperature bubble around
1.4–1.5 Mm, making it more pronounced. This results in a
greater pressure difference that increases the flows (see
Figure 1(f)), leading to an underdense region (similar to the
process that resulted in the high-altitude temperature bubble in
the EB simulation). The bubble cools slightly, but remains hot
since, despite the heating rate in the bubble being reduced
because of the lower density, the density change also
significantly reduces radiative losses around 1.5 Mm. Increased
density ahead of the bubble leads to enhanced radiative losses
and decreasing temperature, producing a local temperature
minimum. Figure 3(e) illustrates the energetics at this time.

4. RADIATION RESULTS

4.1. CaII 8542 Å Line Profiles

The CaII 8542Å line is part of the CaII subordinate infrared
(IR) triplet, which is sensitive to the temperature at its
formation height in the low chromosphere, and to magnetic
structures, making it a good tracer of solar and stellar activity
(e.g., Shine & Linsky 1972; Linsky et al. 1979; Uiten-
broek 2006). Since this line is so sensitive to lower chromo-
spheric temperature, and will be observed with high spatial and
spectral resolution by DKIST, we investigate the differences in
the spectral line profiles, and their formation properties,
between our EB and AW simulations.
Figure 4(a) shows how the CaII 8542Å line responds to

flare energy input in the EB (F11) simulation. Color refers to
simulation time (note that we plot =t 0, 0.072, 0.25,[
0.302, 0.5] s and then every 0.5 s thereafter). The inset shows
a zoom of the core, and the vertical dashed line indicates the
rest wavelength. The quiet Sun profile is in absorption but the

Figure 4. CaII 8542 Å line, computed in (a) the EB simulation and (b) the AW
simulation. In both cases color represents time, and the inset shows a closer
view of the line core. In panel (a) symbols are overlayed on the profile at
=t 0.072 s to help it stand out against profiles from <t 1 s
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• 8542 is sensitive to the lower chromosphere.

• Limitations to discern between heating 
models (see Kerr et al. 2016).

• Greatly sensitive to temperature*.

• Not a very good velocity diagnostic in many 
applications
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Ca II 854.2 nm

Kleint (2016)

• 8542 is usually in the weak field regime.

• Easy and fast estimation of B from obs.

which interpolates linearly over three temporal intervals,
instead of the interpolation with a sinc function over five
intervals in the regular (non-nrt) data series. The algorithm used
for HMI data to calculate BLOS from the polarimetric images at
these six wavelength points has a known scaling difference
from the magnetic fields retrieved from the inversions and
underestimates the actual strength of strong fields (Hoeksema
et al. 2014). We used data from 17:30 to 18:00 UT, removed
the solar rotation, and aligned all images.

To search for chromospheric changes of BLOS, the Ca II
8542Å line recorded by the Interferometric Bidimensional
Spectropolarimeter (IBIS) at the ground-based Dunn Solar
Telescope (DST; Cavallini 2006; Reardon & Cavallini 2008)
was used. IBIS is a dual Fabry–Perot interferometer in a
collimated beam. During our observations, three spectral lines
were scanned in sequence (Ca II 8542Å, Hα 6563Å, and Fe I
6302Å). Two different observing programs were run during
the flare, resulting in a cadence of 56 s and a Ca line scan time
of 18 s before 17:48 UT and in a cadence of 37 s and a Ca line
scan time of 15.5 s afterwards. The Ca II 8542Å line was
scanned with 21 wavelength points from 8539.8 to 8544.4Å
with different step sizes (0.044Å near the line core to 1Å in the
line wings; see Figure 1). We used data from 16:45–18:23 UT
for this study.

The IBIS data reduction includes a correction for dark
current, gain, prefilter transmission, a destretch for seeing, the
removal of the blueshift of the transmission profile across the

FOV because of the collimated mount, and a polarization
calibration (for more details, see, e.g., Kleint 2012). The noise
in the polarization images is estimated at 1% of I, which is
about the amplitude of the signal in Q and U. Therefore, only V
is used, i.e., only line-of-sight magnetic fields, and we restrict
our analysis to pixels with max( .V 2%) .
We determine the chromospheric BLOS from the weak-field

approximation (WFA; e.g., Landi 1992; Harvey 2012). First,
the data were binned by 2 (to 0.2 arcsec pixel−1) to minimize
influence from small misalignments. Then we applied the WFA
separately to the whole profile (8540.7–8543.3Å) and to the
blue wing (8541.6–8542.0Å), which gave us two values for
BLOS and a method to check if the WFA is reliable or if the
profile is irregular (see example in Figure 1). The WFA relates
Stokes V to the derivative of I:

l l q
l
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d
cos 1H( ) ( ) ( )

where θ is the angle between the LOS and the direction of B,
and lI ( ) is the intensity of the unsplit profile, which under the
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profile. The Zeeman splitting is
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with geff representing the effective Landé factor and l0 the
central wavelength of the spectral line. Å is the unit for the
wavelength and G for the magnetic field strength. For Ca II
8542Å, =geff 1.1. As a reminder for potentially unresolved
fields and for the different resolutions of HMI and IBIS, we
will use units of flux density (Mx cm−2) instead of units of the
field strength (G).

3. DETERMINING MAGNETIC FIELD CHANGES

To determine whether BLOS in a given pixel exhibits a
stepwise change, we fitted the same function as Sudol &
Harvey’s (2005):

p
= + + + --B t a bt c n t t1

2
tan , 31

0{ }( ) [ ( )] ( )

where a and b describe the background field evolution, c is half
of the amplitude of the magnetic field change, n1 is the
timescale, and t0 is the midpoint of the change.
Because the HMI algorithm fails at the flare maximum due to

the varying shape of Stokes I, we excluded those points (up to 5
points, depending on the pixel) from fitting. We excluded bad
fits of photospheric data with the following selection rules: the
magnetic field change must be completed during our data
series, the jump cannot be greater than 1000Mx cm−2, and a
linear fit must not give smaller residuals than our stepwise fit.
The remaining changes and all excluded changes above
50Mx cm−2 were then checked manually, because no
mathematical algorithm matches the eye’s ability to pick up
the desired stepwise changes. This led to a final sample of
∼1100 pixels. As a crosscheck, we also fitted Equation (3) to a
time interval without any flares, and while some pixels
exhibited stepwise changes even then, there were more than
five times fewer pixels that showed a 100Mx cm−2 change,
and in general, the step sizes were significantly smaller during
non-flaring times.

Figure 1. Top: chromospheric magnetogram. The (normalized) Stokes I profile
of an example pixel (red circle, selected because it exhibits a significant change
of the magnetic field of ΔB = -220LOS Mx cm−2; see Section 3) is shown in
the middle panel, with the diamonds indicating the observed wavelengths. The
bottom panel shows V/I (black) and the two WFA fits obtained from the
derivative of Stokes I for the blue wing (blue) and the full profile (orange).
Both fit well, and the resulting magnetic field values are given on the bottom
right.

2
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Figure 6. Examples of temporal evolutions of AIA, HMI, and IBIS for six example pixels whose locations are indicated by crosses and numbers in the top images.
The panels below the figures are organized into groups of three vertical panels with the coordinates/number of each selected pixel given in the title of each set. The top
panels of each set show AIA intensities (arbitrary units), the middle panels HMI (blue crosses) and IBIS (black diamonds) intensities (arbitrary units), and the bottom
panels their magnetic field evolution (again, HMI in blue, IBIS in black). Dashed lines indicate stepwise fits according to Equation (3). Magnetic field changes in the
photosphere and chromosphere behave seemingly independently, sometimes with opposite signs of jumps.
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Na I D1 & D2



Na I D1 & D2

SST/Trippel observation, courtesy of I. Milic & M. Van Noort



Na I D1 & D2

SST/Trippel observation, courtesy of I. Milic & M. Van Noort



Na I D1 & D2

 

The key part – response functions

They tell us how the 
emergent spectrum responds 
to the perturbations of the 
physical parameters at 
different atmospheric layers. 

Calculating these allows us 
to devise a derivative-based 
inversion strategy. 

More details: Milic & van Noort (2107)

Courtesy of I. Milic & M. Van Noort

Our tests with traditional model atmosphere:  
upper photosphere temperatures



Na I D1 & D2

Courtesy of I. Milic & M. Van Noort

 

The inversion process in one figure:  

Upper 
layers

Lower 
layers



He I D3



He I D3

Courtesy of T. Libbrecht



He I D3

Courtesy of T. Libbrecht



He I D3

Courtesy of T. Libbrecht



He I D3

Courtesy of T. Libbrecht

Excellent diagnostic to study chromospheric condensation



He I D3

Courtesy of T. Libbrecht

Excellent diagnostic to study chromospheric condensation



Ca II H & K
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Ca II H & K

Courtesy Reid & Mathioudakis



Ca II H & K

Courtesy Reid & Mathioudakis



Ca II H & K: EB and UV bursts

Courtesy Reid & Mathioudakis

G. J. M. Vissers et al.: Non-LTE inversions of low atmosphere reconnection

Fig. 4. Inversion maps of event A considering both Ca ii 8542 Å and Ca ii K. Format as for Fig. 3, except that the right-hand panels in the lower
two rows now show the synthetic and observed Ca ii K intensity images (at the specified wavelength o↵sets) and those in the upper two rows
(i.e., Ca ii 8542 Å) have been multiplied by a factor 1.25 to o↵set the intrinsic intensity di↵erence between both calcium lines. The coloured plus
markers in the right-hand column indicate the locations for which similarly-coloured profiles are shown in Fig. 5. For reference, the same markers
are overplotted on the third temperature di↵erence and line-of-sight velocity maps (i.e., around log ⌧500 = �3.1), albeit in black for better visibility.

The added continuum point from the Ca ii K observations further
constrains the the temperature at the lowest heights, resulting in
a better fit to the lines and consequently a better constraint of
the line-of-sight velocity gradients. Again, the synthetic images
in the fourth column coincide well with the observed ones in the
fifth both in terms of feature shapes and dynamic range, suggest-
ing that also here most profiles are well-fitted.

The top panels of Fig. 5 highlight this by comparing single-
pixel fits to observed profiles for a number of sampling loca-
tions in event A (as indicated in Fig. 4). While the fitted profiles
(solid lines) are not perfect everywhere, generally good agree-
ment is obtained for both lines, albeit more so for Ca ii K than
for Ca ii 8542 Å—likely an e↵ect of assigning more weight to
the former. Of those shown, the orange and cyan profiles have
the largest mismatch issues in one (or both) of the lines. The

cyan Ca ii K profile follows the observations closely, but over-
estimates the Ca ii 8542 Å red wing intensity, while the orange
profile is o↵ in the wings for both. The wing asymmetries (or
lack thereof) in one of the lines are a likely cause for this. For
instance, the cyan Ca ii K profile exhibits a strong blue-over-
red asymmetry, which presumably drives the solution to have
a similar asymmetry in the 8542 Å line; for the orange profile
the absence of such asymmetry in the 8542 Å has lead to under-
estimate/overestimate the Ca ii K red/blue wing and K2 peaks.
Another issue may be the time di↵erence (in this case of 8.8 s)
between the Ca ii K and the Ca ii 8542 Å scans, i.e., the observed
profiles are not perfectly co-temporal even though STiC assumes
they are and this introduces an error.

Article number, page 7 of 21

Vissers et al. in prep.



To take home

• There are very few lines that sample the upper chromosphere. 


• From the ground we cannot observe all of them.


• But we can find combinations that cover most of the photosphere and 
chromosphere: Fe I lines + Mg I 5173 + Ca II 8542 + Ca II K + He I D3/10810.


• B in the upper chromosphere: He I lines!
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